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Dual role of p16"™*and p19**



Classical Hydrodynamics

Mass Conservation:

oy(t
y(©) SV (t) = 6x(£)8y(£)5z(t)
5z(t) Conservation of mass requires
dm
dt
(x,y,z) 8x(t)
d(pSV) dp d(dV)
dt dt
d(oV) = —vxdtdydz + (vx + —dx) dtdyoéz| +

—vyc‘it(‘ixc?z + (vy +— dy) dtéxdz| +

—vzét(Sx(Sy + (vz +— dz) dt5x5y]



u Conservation Equations

1.d@V) o5
v dr "
dp d(6V) dp -
oV tp— =0 — E+p(v-v)—0
Or using the advective time derivative, — =—+ vV
dt Ot
0

P . =
a+v-Vp+p(V-v)=0

dp
a_‘: +V-(pp) =0 (Conservation of mass)




Conservation Equations




n Conservation Equations

Conservation of momenutm

d(pv)
dt

+p3(V: %) = -V-G+—F,

0ij = i-momentum density flux across the j-surface
V-G =-VP (when stress is isotropic)

ﬁb = body force (e.g., gravity)

Or using the advective derivative again,

(o) _ R 1 o
(pv) (pBD) = —V -6 +—F, (Conservation of momentum)




u Conservation Equations

In similar fashion,

and

at

6(%,9172) _’.(1 2 >

)——v (V-6)+ 7 5

Fb

(Conservation of kinetic energy density)

d(pu)
ot

+V- (puv) = pT

dt

P(V %)

(Conservation of internal energy density)



u Conservation Equations

Combined energy equation: put & = PI (isotropic pressure)

6(%pv2+pu) _,-[ ﬁ(l p) -i

\%
ot *

where u = internal energy per unit mass

u+ E = enthalpy per unit mass

{

F,.qq = radiative flux vector

ﬁ = conductive heat flux



u Radial Infall

For zero angular momentum (in steady state):

1d ( 0

rZdr “pv) =

4ir’p(—v) = M (mass)
dv 1 dP GM

v + =0 (momentum)
dr p dr

P =Kp” (polytrope)

Adiabatic: y =5/3 Isothermal: y =1



u Analytic Solution

Combining the mass and momentum equations:




Sgr D SNR \T '~

P

SNR 0.9+0.1 !

(Kassim et al. 1999) SNR 359.1-00.5
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y—offset from Sgr A* (arcsec)
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The mass accretion rate
shows ~ 100 year
variability with 20 - 40%
fluctuations.
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The specific angular 40
momentum varies both
in magnitude and sign
on a similar time scale.
So if a small disk forms,
it can dissolve and 20
reform every few

hundred years.
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u Magnetohydrodynamics

Introducing a magnetic field B creates 3 new effects: (1) currents, (2) a Lorentz force
(that can change the momentum of the plasma), and (3) an evolution (growth or decay)

in B with a subsequent energy exchange with the plasma.

(1) ] = oE' (Ohm’s law)

Fpo=0xB | (thenbmalstiophysiditioplications, o — o)

(2) M+V-(pﬁﬁ)=—VP+ﬁ,+%(fx§)
N\

AN

0(p?) = . .. .
o +V-(pvv)=—VP+fb—EBx(VxB)




n Magnetohydrodynamics

(3) From Faraday’s law

-

+ V- (pv

V)

1 o N
x (VX B)

VP+}?I,—EB




First Generation MHD Simulations

(1) Weakly resistive MHD, in which E ~ —(/c) X §, but
with 1 (resistivity) not zero.

(2) Ideal gas (no radiation), for which P = (y — 1)pe (withy =5/3)
and no radiative cooling (i.e., a low efficiency radiator)

(3) M = 1.7 (Mach number)

(4) 3D MHD with radial boundary conditions

(5) Weak initial (uniform) magnetic field: §0 = ByZ

lgumenshchev et al. (2001)




What happens physically?

If B is frozen into the ionized plasma, then B o r~2 due to flux conservation.
Soug = B%/8m « r~*. Butugz = GMp/r < r~>/? (for gas in free-fall).
So eventually at small enough r, the magnetic field becomes super-equipartition.

Assume that the excess B reconnects and goes directly into heat:

(B% — B.,*)/8m > nkAT

This heats the gas substantially, especially at small radii, and leads to

self-sustained convection. The velocity is greatly subsonic everywhere.




Some results
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Density Map after 8 free-fall times
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3/2 1/2

Instead of p < 7=/ asin the free-fall case, here p o< r™

The net result is that the rate of accretion drops everywhere compared to the
pure Bondi-Hoyle value:

c T; c
. ( in )MBH
Teap

Tin = 075 (0 typically < 10)

So if the capture radius rcap~105, the accretion rate can be lower than Bondi-
Hoyle by up to five orders of magnitude.

For example, in Srg A*, M~1017 g s, instead of 1022 g 5L,




Accretion with non-zero angular momentum

Of course, the gas motions at large radii are never perfectly radial. Deviationscan
occur either because of thermal motion (~10 km s1), or motion associated with
typical stellar velocities (~100 km s1).

[ = Acrs (for the captured gas, whererg = 2GM/c?)

Acrg =+/GMr  (for a Keplerian orbit)
Tcircularization = ZAZTS
c;10° g ~Acrg > A~3

(100 kms™ 1) 10° rg~Acrg = A~ 30

So the gas circularizes somewhere between 10 and 1,000 Schwarzschild radii away
from the black hole. Viscosity then drives the accretion from there.
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n Disk Viscosity

1= MA—)A!(R + A)RQ’(R) _
Mg,gR(R + D)Q(R + 1)

(R+A)Q(R+2)

In steady state

M4, = Mg,p = (2nRH)p(R)D

t = 2rRH)p(R)PR(R + D[QR) — QR + )]

IH /. T = —(2nRH)p(R)TR(R + )AL (R)

T = —=2mvpHR3Q'(R)

(coefficient of kinematic viscosity) v =v4

(a~1) |v=acH




: Disk Viscosity

T ~ (2rHR)pvgR?Q T RAORD

v vﬂrv
R QO R

T = —2nvpHR>Q'(R)

IH v =71
R

V= acsH




One Temperature vs Two

If the cooling rate cannot keep up with the heating rate due to dissipation, then
heat builds up and is advected inwards.

tp =1/Vp = QK_l (dynamical time scale)
tyisc =1/ Vy (viscous time scale)
t, = H/cs (hydrodynamic time scale)

t:n, = (heat content)/(dissipation rate)  (thermal time scale)

v, ~Vv/r~acH/r

tyisc ~ (r/H)(v¢/acs)t¢ > tg

Similarly, tip ~ (csz/vqbz) tvisc K tyisc (the ratio of momentum fluxes).

t, ~ tg



u One Temperature vs Two

ty ~ Ly S tin K tyise

Under some conditions, the cooling rate
actually decreases as T increases, and this
leads to an instability that drives the ions
to a very high temperature on a thermal
time scale, since the gas expands quickly.

The two-temperature possibility arises
because most of the energy is carried by
the ions, whereas most of the cooling is
by the electrons. The temperature
differenceis matched to the dissipation
rate:
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u One Temperature vs Two

electrons

T; ~ 1010 K
T, ~108 K

number density

protons

energy



